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ABSTRACT
Lomax et al. have constructed an ensemble of 60 prestellar cores having masses,
sizes, projected shapes, temperatures and non-thermal radial velocity dispersions that
match, statistically, the cores in Ophiuchus; and have simulated the evolution of these
cores using SPH. Each core has been evolved once with no radiative feedback from
stars, once with continuous radiative feedback, and once with episodic radiative feed-
back. Here we analyse the multiplicity statistics from these simulations. With episodic
radiative feedback, (i) the multiplicity frequency is ∼60% higher than in the field; (ii)
the multiplicity frequency and the mean semi-major axis both increase with primary
mass; (iii) one third of multiple systems are hierarchical systems with more than two
components; (iv) in these hierarchical systems the inner pairings typically have sep-
arations of a few au and mass ratios concentrated towards unity, whereas the outer
pairings have separations of order 100 au and a flatter distribution of mass ratios. The
binary statistics are compatible with observations of young embedded populations,
and – if wider orbits are disrupted preferentially by external perturbations – with
observations of mature field populations. With no radiative feedback, the results are
similar to those from simulations with episodic feedback. With continuous radiative
feedback, brown dwarfs are under-produced, the number of multiple systems is too
low, and the statistical properties of multiple systems are at variance with observa-
tion. This suggests that star formation in Ophiuchus may only be representative of
global star formation if accretion onto protostars, and hence radiative feedback, is
episodic.
Key words: Stars: formation, stars: low-mass, stars: mass function, stars: binaries.
1 INTRODUCTION
Two of the fundemental goals of star formation theory are to
explain the origin of the stellar initial mass function (IMF)
(e.g. Kroupa 2001; Chabrier 2003, 2005) and to explain the
statistics of stellar multiple systems (e.g. Raghavan et al.
2010; Janson et al. 2012). Numerical simulations (e.g. Bon-
nell, Vine & Bate 2004; Delgado-Donate et al. 2004; Bate
& Bonnell 2005; Goodwin, Whitworth & Ward-Thompson
2006; Bate 2009b; Lomax et al. 2014; Bate 2012) deliver
distributions of stellar mass and/or multiplicity statistics
that mimic the observations reasonably well, but it is not
yet clear that these simulations are capturing correctly the
physical processes actually at work in nature, or whether –
for example – many different sequences of physical processes
in a simulation could be delivering artificially an approxi-
? E-mail: oliver.lomax@astro.cf.ac.uk
mately log-normal distribution of stellar masses. A further
complication is that, whereas the mass of a star is believed
to be more or less fixed within 0.1 Myr of its birth, many
of the parameters of multiple systems may evolve for a lot
longer. Indeed a significant fraction of primordial multiple
systems is likely to be destroyed completely in a clustered
environment (e.g. Parker et al. 2009; Marks & Kroupa 2011;
Parker & Reggiani 2013).
The semi-major axes of observed multiple systems span
more than six orders of magnitude, from contact binaries
with a ∼ 10−2 au, to wide binaries with a>∼ 104 au (see
Ducheˆne & Kraus 2013, and references therein). Higher-
order hierarchical multiple systems with three to seven stars
are observed (e.g. Eggleton & Tokovinin 2008; Tokovinin
2008). Reproducing such systems in numerical simula-
tions is difficult, both because of the variety of physical
processes that might play important roles (e.g. magneto-
hydrodynamics, radiative and mechanical feedback, impul-
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sive interactions), and because numerical codes have diffi-
culty handling the large range of spatial scales involved.
These difficulties are usually addressed either by perform-
ing monolithic simulations of whole molecular clouds that
spawn many tens or even hundreds of stars (e.g. Bate 2009a,
2012; Girichidis et al. 2012a,b; Walch et al. 2013; Myers et al.
2014; Bate 2014) or by performing multiple simulations of
single dense molecular cores that individually spawn . 10
stars (e.g. Delgado-Donate et al. 2004; Goodwin & Whit-
worth 2004; Goodwin, Whitworth & Ward-Thompson 2004,
2006; Walch et al. 2009, 2010; Lomax et al. 2014).
This paper analyses the numerical simulations of
prestellar cores presented in Lomax et al. (2014) (hereafter
LWH14). There, Smoothed Particle Hydrodynamics (SPH)
has been used to model the evolution of an ensemble of dense
molecular cores with initial conditions informed as closely as
possible by observations of Ophiuchus (Motte, Andre & Neri
1998; Andre´ et al. 2007). The evolution has been simulated
first assuming no radiative feedback, then assuming episodic
radiative feedback, and finally assuming continuous radia-
tive feedback. Here, we analyse the multiple systems formed
in those simulations. In §2, we review the main features of
the simulations presented in LWH14. In §3 we define mea-
sures of stellar multiplicity, and the method used to identify
multiple systems in the simulations. In §4 we present and
evaluate the statistical properties of the multiple systems
formed in the simulations. Specifically, we first compare and
contrast the results obtained with the different treatments
of radiative feedback; then we compare the results with ob-
servations, both the limited observations of young embedded
populations, and the more extensive and statistically robust
observations of mature field populations (which have likely
been modified by dynamical processing). In §5 we summarise
our main conclusions. In the Appendix, we explain how we
derive population statistics from small samples
2 THE SIMULATIONS
2.1 Initial conditions
2.1.1 Bulk properties
LWH14 generate the bulk properties of the 60 simu-
lated cores by sampling from a trivariate lognormal dis-
tribution. They define a vector of core parameters, x ≡
(log(M), log(R), log(σnt)), where M is the core mass, R is
the mean core radius and σnt is the one-dimensional non-
thermal velocity dispersion of the core. Values of x are drawn
from the distribution
P (x) =
1
(2pi)3/2|Σ| exp
(
−1
2
(x−µ)TΣ−1(x−µ)
)
, (2.1)
where
µ ≡
µMµR
µc
 , (2.2)
and
Σ≡
 σ2M ρM,R σMσR ρM,σnt σMσσntρM,R σMσR σ2R ρR,σnt σRσσnt
ρM,σnt σMσσnt ρR,σnt σRσσnt σ
2
σnt
.(2.3)
Table 1. Identities, arithmetic means, standard deviations and
correlation coefficients for the global parameters of cores in Ophi-
uchus.
M ≡ log
10
(
M
M
)
R ≡ log
10
(
R
au
)
σnt ≡ log10
(
σnt
km/s
)
µM = −0.57 µR = 3.11 µσnt = −0.95
σM = 0.43 σR = 0.27 σσnt = 0.20
ρM,R = 0.61 ρR,σnt = 0.11 ρσnt,M = 0.49
Here µX and σX are the arithmetic mean and standard de-
viation of log(X), and ρX,Y is the Pearson’s correlation co-
efficient of log(X) and log(Y ). The values of these terms
are given in Table 1. They are derived from dust contin-
uum measurements of cores in Ophiuchus by Motte, Andre
& Neri (1998) and spectroscopic line-widths measured by
Andre´ et al. (2007); for details see LWH14.
2.1.2 Shapes
LWH14 assign intrinsic core shapes to the 60 simulated cores
by applying the fitting method described by Lomax, Whit-
worth & Cartwright (2013, hereafter LWC13). LWC13 show
that the projected shapes of Ophiuchus cores are not signif-
cantly correlated with their masses, areas or velocity disper-
sions, and are well fitted by randomly orientated ellipsoids
having relative axes given by
A = 1 ,
B = exp(τGb) , (2.4)
C = exp(τGc) ,
with τ = 0.6. Here, Gb and Gc are random deviates drawn
from a Gaussian distribution with zero mean and unit stan-
dard deviation. Once the axes have been generated using
Eqn. (2.4), they are reordered so that A ≥ B ≥ C, and nor-
malised so that A = 1. Absolute values of the core axes are
then set to
Acore =
R
(BC)1/3
,
Bcore = BAcore , (2.5)
Ccore = CAcore .
2.1.3 Density profile
Observations suggest (e.g. Alves, Lada & Lada 2001; Har-
vey et al. 2001; Kirk, Ward-Thompson & Andre´ 2005; Lada
et al. 2008; Roy et al. 2014) that, even if they are not in
hydrostatic equilibrium, prestellar cores often approximate
well to the density profile of a critical Bonnor-Ebert Sphere
(Ebert 1955; Bonnor 1956), i.e. ρ = ρCe
−ψ(ξ), where ρC is
the central density, ψ is the Isothermal Function, ξ is the
dimensionless radius, and the boundary is at ξB = 6.451
(Chandrasekhar & Wares 1949). The FWHM of the column-
density through a critical Bonnor-Ebert Sphere corresponds
to ξFWHM = 2.424, so the density at (x, y, z) is given by
ξ = ξFWHM
(
x2
A2core
+
y2
B2core
+
z2
C2core
)1/2
, (2.6)
ρ =
McoreξBe
−ψ(ξ)
4piAcoreBcoreCcore ψ′(ξB)
, ξ < ξB , (2.7)
where ψ′ is the first derivative of ψ.
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2.1.4 Velocity fields
LWH14 generate the initial velocity field in a core by first
constructing a random Gaussian turbulent field with three-
dimensional power spectrum Pk ∝ k−4, 1 ≤ k ≤ 64. The
k= 1 modes (i.e. the wavelengths corresponding to the size
of the core) are then doctored so that they deliver large-scale
motions that are centred on the core, viz.a(1, 0, 0)a(0, 1, 0)
a(0, 0, 1)
 =
 rx ωz −ωy−ωz ry ωx
ωy −ωx rz
 ,
(2.8)ϕ(1, 0, 0)ϕ(0, 1, 0)
ϕ(0, 0, 1)
 =
pi/2 pi/2 pi/2pi/2 pi/2 pi/2
pi/2 pi/2 pi/2
 ;
this is because these modes are presumed to be the motions
that have just created the core, or are in the process of dis-
persing it following an adiabatic bounce. Here a(k) andϕ(k)
are respectively the amplitudes and phases of mode k; and
rx, ry, rz, ωx, ωy and ωz are random deviates drawn from
a Gaussian distribution with zero mean and unit variance.
The r-terms determine the magnitude of inward (negative)
or outward (positive) radial excursions along each axis; and
the ω-terms determine the magnitude of rotation about each
axis. The overall velocity dispersion of the field (i.e. incor-
porating all the higher-k modes) is then scaled to a value of
σnt drawn from Eqn. (2.1).
2.2 Numerical method
2.2.1 Smoothed particle hydrodynamics
The LWH14 simulations use the seren grad-h SPH code
(Hubber et al. 2011). Gravitational forces are computed us-
ing a tree, and the Morris & Monaghan (1997) formula-
tion of time dependent artificial viscosity is invoked. Grav-
itationally bound regions with density higher than ρsink =
10−9 g cm−3 are replaced with sink particles (Hubber, Walch
& Whitworth 2013). The equation of state and the energy
equation are treated with the algorithm described in Sta-
matellos et al. (2007). In all simulations, the SPH par-
ticles have mass msph = 10
−5 M, so the opacity limit
(>∼3 × 10−3 M) is resolved with >∼300 particles; an SPH
particle typically has ∼ 57 neighbours. Sink particles have
radius rsink ' 0.2 au, corresponding to the smoothing length
of an SPH particle with density equal to ρsink, and the grav-
itational field of a sink is also softened on this scale. Hence
rSINK is in effect the minimum spatial resolution.
2.2.2 Accretion luminosity
In LWH14, each core constructed according to the proce-
dures in §2.1 is evolved three times, first with continuous ac-
cretion onto stars but no radiative feedback from stars (here-
after NRF), second with continuous accretion onto stars and
hence continuous radiative feedback (CRF), and third with
episodic accretion onto stars and hence episodic radiative
feedback from stars (ERF). The simulations with no radia-
tive feedback are unrealistic, but provide a point of compar-
ison for the two other feedback modes.
In the CRF simulations, three quarters of the accretion
energy is converted into radiation (Offner et al. 2009), i.e.
L? ' 3GM?M˙?
4R?
; (2.9)
for simplicity, LWH14 set the radius of a protostar to be
independent of its mass, R?∼3 R (Palla & Stahler 1993).
CRF has two important consequences. First, circumstellar
accretion discs are usually too hot to fragment, and the
simulations therefore spawn very few low-mass hydrogen-
burning stars or brown dwarfs (Krumholz 2006; Bate 2009c;
Offner et al. 2009; Krumholz et al. 2010; Offner et al. 2010;
Urban, Martel & Evans 2010; Lomax et al. 2014). Second,
the predicted luminosities are about an order of magnitude
higher than those observed in low-mass star forming regions;
this is the luminosity problem first noted by Kenyon et al.
(1990).
In the ERF simulations, LWH14 treat accretion using
the phenomenological prescription formulated in Stamatel-
los, Whitworth & Hubber (2011). This is based on the disc
evolution model of Zhu, Hartmann & Gammie (2009, 2010)
and Zhu et al. (2010), in which gravitational torques trans-
port angular momentum in the outer parts of a disc, but the
inner parts are too warm to admit the gravitational instabil-
ities that moderate these torques. Consequently matter piles
up in the inner disc until it becomes so hot that the level of
thermal ionisation is sufficient to couple the matter to the
magnetic field and thereby support the magneto-rotational
instability (MRI). The MRI then effects rapid transport of
angular momentum in the inner disc, and the accumulated
matter is dumped onto the star, giving rise to a powerful but
short-lived burst of luminosity, typically L?∼100 − 300 L .
After this the accretion shuts off again, the luminosity falls
to L?∼0.1 − 0.3 L , and the disc can cool back down. The
period between outbursts is ∼0.01 Myr, which is consistent
with observations (e.g Scholz, Froebrich & Wood 2013) and
provides a window of opportunity for the accretion disc to
fragment into low mass stars and brown dwarfs (Stamatel-
los, Whitworth & Hubber 2011, 2012; Lomax et al. 2014).
2.2.3 Termination of simulations
The initial freefall times in the cores are 4+4−2 × 104 yr, and
the simulations are terminated after 0.2 Myr, i.e. ∼5 freefall
times. At this stage typically 70% of the mass has been ac-
creted by protostars, and accretion is still ongoing, so strictly
speaking the final masses are lower limits. However, the sim-
ulations do not include mechanical feedback, which would
tend to slow down, or even terminate accretion. A 70% effi-
ciency for converting cores into stars is compatible both with
the theoretical estimate of Matzner & McKee (2000) (their
upper limit), and with the statistical estimate of Holman
et al. (2013) (their lower limit).
2.3 Stellar statistics
2.3.1 Intercomparison of simulations invoking different
radiative-feedback prescriptions
The simulations with NRF produce N
S/C
=6.0+4.0−2.0 stars per
core, while those with ERF produce N
S/C
= 3.5+3.5−2.5, and
those with CRF produce N
S/C
=1.0+0.0−0.0; here, we have used
c© 2013 RAS, MNRAS 000, 1–16
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Figure 1. The black histograms show stellar mass functions for
(a) NRF, (b) ERF, and (c) CRF, with bins of width ∆log
10
(M)=
0.2. The blue dotted straight lines, and the red dashed lognormal
curve, show, respectively, the Chabrier (2005) and Kroupa (2001)
fits to the observed IMF. The vertical dashed line shows the hy-
drogen burning limit at M = 0.08 M.
the 50th centile (i.e. the median), and the 25th and 75th cen-
tiles, in order to quantify non-parametrically the variation
in N
S/C
between cores. The reason that N
S/C
decreases go-
ing from NRF to ERF to CRF is that, as one progresses
along this sequence, fewer and fewer low-mass stars are able
to form by disc fragmentation.
The black histograms on Fig. 1 show the mass func-
tions obtained in the simulations with different treatments
of radiative feedback. The simulations with NRF give a mass
function with log
10
(
M?/M
)
=−1.10+0.36−0.60, while those with
ERF give log
10
(
M?/M
)
=−0.82+0.22−0.40, and those with CRF
give log
10
(
M?/M
)
=−0.48+0.19−0.24 ; again we have given the
median and the 25th and 75th centiles to represent the spread
of stellar masses formed. We see that, as we go from NRF to
ERF to CRF, the median mass increases, and the logarith-
mic spread of masses decreases. The reasons for this trend
are twofold. First, as we go from NRF to ERF to CRF,
fewer low-mass stars are formed by disc fragmentation. Sec-
ond, because discs are not fragmenting, more of their mass
is available to accrete onto the primary protostar at the disc
centre, so the primary stars are somewhat more massive.
The simulations with NRF result in a ratio of low-mass
stars to brown dwarfs
A = N(0.08 M < M ≤ 1.0 M)
N(0.03 M < M ≤ 0.08 M) = 2.2± 0.3 , (2.10)
whereas the simulations with ERF result in A= 3.9 ± 0.6,
and those with CRF result in A=17± 8.
Parenthetically, we note that in all the simulations, stel-
lar masses are not correlated with the masses of their parent
cores, suggesting that the form of the IMF is not inherited
from the core mass function. Instead, cores with higher mass
simply tend to spawn more stars.
2.3.2 Comparison of simulations with observation
Holman et al. (2013) have shown that the binary statistics
of field stars favour a mapping from cores to stars in which
a core typically spawns N
S/C
= 4.3 ± 0.4 stars (where ±0.4
is the uncertainty, not the spread). The simulations with
ERF agree well with this, whereas those with NRF appear
to spawn too many stars per core, and those with CRF too
few.
The Chabrier (2005) IMF has log
10
(
M?/M
)
=
−0.70+0.50−0.50. Again, the ERF simulations are closest to re-
producing this. The mass function generated with NRF is
skewed too much toward low masses, and that generated
with CRF is skewed too much toward high masses.
From an analysis of observations of seven young clus-
ters, Andersen et al. (2008) estimate the ratio of low-mass
stars to brown dwarfs to be A = 4.3 ± 1.6. Once again,
the simulations with ERF reproduce this result rather well,
while those with NRF appear to form too high a proportion
of brown dwarfs, and those with CRF too low a proportion
of brown dwarfs.
3 IDENTIFYING AND CHARACTERISING
MULTIPLES
3.1 System isolation
At the end of a simulation, we identify binary systems by
interrogating each pair of stars, (i, j), in order of increasing
internal energy,
Eij = MiMj
{ |vi − vj |2
2(Mi +Mj)
− G|ri − rj |
}
(3.1)
(i.e. the kinetic energy in the centre of mass frame plus the
mutual gravitational energy). A pair is identified as a binary
system if (i) the internal energy of the pair has remained
negative over its last orbital period, and (ii) the net gravi-
tational force due to all the other stars is at least a factor
αp = 0.1 less than the gravitational force between the pair.
When a binary system with components i and j has been
identified, it is replaced with a single virtual star k hav-
ing mass Mk =Mi + Mj , position rk = (Miri + Mjrj)/Mk,
velocity vk = (Mivi + Mjvj)/Mk, and inner separation
∆rk = |ri − rj |. The process is then repeated until no pairs
satisfying the above criteria are found.
If component k of a pair k` is a virtual star, we are
dealing with a candidate triple or higher-order multiple sys-
tem, and a further condition is imposed to ensure that this
pairing is tidally stable in the medium term. Specifically, we
c© 2013 RAS, MNRAS 000, 1–16
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require that the tidal force exerted on k by ` is much less
(by a factor αP =0.1) than the force holding k together, i.e.
2M`
|r` − rk|3 <
αpMk
∆r3k
, (3.2)
throughout the whole of the last orbit. Additionally, if ` is
also virtual, this condition must be satisfied with the roles
of k and ` swapped. In this way we identify not only binaries
but also higher-order multiple systems that are hierarchical
and therefore unlikely simply to be transient associations.
3.2 Intrinsic properties of a multiple system
A simple binary system, comprising two stars, is charac-
terised by the mass, M1 , of the primary (the more mas-
sive star); the mass, M2 , of the secondary; the mass ratio,
q=M2/M1 ; the semi-major axis, a, of the orbit; the eccen-
tricity, e, of the orbit; the period, P , of the orbit; the angles,
∆θLS1 , ∆θLS2 between the spins, S1 , S2 of the constituent
stars and their mutual orbital angular momentum, L1,2 ; and
the angle ∆θS1S2 between the two spins.
An hierarchical multiple of order N involves N − 1 or-
bits. All orbits on which both components are just stars
are henceforth referred to as inner orbits, and all orbits on
which at least one component is a virtual star are henceforth
referred to as outer orbits. Each orbit is then characterised
in essentially the same way as a simple binary system, except
that for a virtual star we replace the spin angular momen-
tum with its total angular momentum.
3.3 Collective properties of multiple systems
We adopt the descriptors defined by Reipurth & Zinnecker
(1993). These can be divided into those that pertain to stel-
lar systems, and those that pertain to stars.
3.3.1 System descriptors
For a given population, the fraction of stellar systems that
is multiple is given by the multiplicity frequency
mf =
B + T +Q+ . . .
S +B + T +Q+ . . .
, (3.3)
where S, B, T, and Q are the numbers of – respectively
– single, binary, triple, and quadruple systems1. The mean
number of orbits per system is given by the pairing factor
pf =
B + 2T + 3Q+ . . .
S +B + T +Q+ . . .
. (3.4)
The mean order of the multiple systems is given by
O¯SYS =
2B + 3T + 4Q+ . . .
B + T +Q+ . . .
. (3.5)
These system descriptors are commonly estimated for an
ensemble of systems in which the primary falls in a restricted
interval, and usually this interval can be translated into a
range of primary mass2.
1 Strictly speaking, this is the sample multiplicity frequency. The
underlying population multiplicity frequency can be estimated
using a Bayesian approach (see Appendix A).
2 From a theoretical perspective it might seem more useful to
know these system descriptors as a function of system mass (see
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Figure 2. (a) Multiplicity frequency, mf , (b) pairing factor,
pf , and (c) mean system order, O¯SYS , as a function of primary
mass, M1 . The solid red histograms give the results obtained with
NRF; the blue dashed histograms, ERF; and the dotted black his-
tograms, CRF. Error bars are Poisson counting uncertainties.
3.3.2 Star descriptors
If a star is chosen randomly from a given population, the
probability of its being part of a multiple system is given by
the companion probability,
cp =
(B1 +B2) + (T1 + T2 + T3) + . . .
S + (B1 +B2) + (T1 + T2 + T3) + . . .
, (3.6)
where S is the number of single stars, B1 and B2 are the
numbers of – respectively – primaries and secondaries in
binaries, T1 , T2 and T3 are the numbers of – respectively
– primaries, secondaries and tertiaries in triples, and so on.
The mean number of companions per star is given by the
companion frequency,
cf =
(B1 +B2) + 2(T1 + T2 + T3) + . . .
S + (B1 +B2) + 2(T1 + T2 + T3) + . . .
. (3.7)
If a star is randomly selected from a multiple system within
the population, the mean order of its system will be
O¯? = 2(B1 +B2) + 3(T1 + T2 + T3) + . . .
(B1 +B2) + (T1 + T2 + T3) + . . .
. (3.8)
Again, these star descriptors are commonly estimated for
an ensemble of stars that fall in a restricted interval, and
usually this interval can be translated into a range of stellar
mass.
Goodwin 2013), but from a practical observational viewpoint the
nature of the primary is the more robustly constrained quantity.
c© 2013 RAS, MNRAS 000, 1–16
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Table 2. Multiple systems formed in the NRF simulations. Column 1 gives the core ID from LWH14. Column 2 gives the order of the
system. Column 3 gives the masses of stars in the system. Here, a binary system is represented by two masses separated by a dash.
High order multiples are represented by recursively replacing one or both of the masses with another binary system. Column 4 gives the
orbital semimajor axes. Here, a binary system is represented by two ?’s separated by a distance value. High order systems are given by
replacing one or both ?’s with another binary system. Column 5 gives the orbital eccentricities, following the same format as Column 4 .
The full table is given in the online material
Core ID N M (M) a (au) e
002 2 (0.062–0.072) (?–0.2–?) (?–0.50–?)
002 4 ((0.117–0.229)–(0.038–0.078)) ((?–0.8–?)–21.9–(?–0.2–?)) ((?–0.48–?)–0.54–(?–0.33–?))
003 4 ((0.394–0.686)–(0.243–0.347)) ((?–18.0–?)–411.1–(?–0.8–?)) ((?–0.29–?)–0.46–(?–0.13–?))
Table 3. As Table 2, but for the systems formed in the ERF simulations.
Core ID N M (M) a (au) e
002 2 (0.082–0.062) (?–2.1–?) (?–0.92–?)
002 2 (0.091–0.284) (?–2.4–?) (?–0.03–?)
003 5 (((0.208–0.222)–(0.087–0.132))–0.645) (((?–0.3–?)–6.6–(?–0.2–?))–65.3–?) (((?–0.03–?)–0.45–(?–0.64–?))–0.21–?)
Table 4. As Table 2, but for the systems formed in the CRF simulations.
Core ID N M (M) a (au) e
011 2 (0.246–0.332) (?–9.2–?) (?–0.02–?)
014 2 (0.062–0.236) (?–3.4–?) (?–0.27–?)
029 3 ((0.414–0.458)–0.611) ((?–2.6–?)–24.5–?) ((?–0.37–?)–0.23–?)
Table 5. Population multiplicity frequencies, mf , and pairing factors, pf , for binary systems having primary masses in the intervals
(0.06, 0.1)M (i.e. very low-mass H-burning stars and brown dwarfs), (0.1, 0.5)M (i.e. mainly M dwarfs), and (0.7, 1.3)M (i.e. mainly
G dwarfs, aka Sun-like). Row 1 gives the mass range. Rows 2 & 3 give means and standard deviations of mf and pf for field stars,
as estimated by Ducheˆne & Kraus (2013). Rows 4 & 5, 6 & 7 and 8 & 9 give means and standard deviations of mf and pf for the
simulations with – respectively – NRF, ERF and CRF; in addition, the numbers in brackets give the ratios of the simulation means to
the observed field means. See the Appendix for how the simulation means and standard deviations are derived.
M?/M 0.06 to 0.1 0.1 to 0.5 0.7 to 1.3
Field mf 0.22± 0.05 0.26± 0.03 0.44± 0.02
pf 0.22± 0.05 0.33± 0.05 0.62± 0.03
NRF mf 0.18± 0.06 (0.82) 0.43± 0.05 (1.65) 0.63± 0.16 (1.43)
pf 0.25± 0.09 (1.12) 0.78± 0.10 (2.36) 1.17± 0.34 (1.89)
ERF mf 0.14± 0.07 (0.64) 0.37± 0.05 (1.42) 0.67± 0.15 (1.52)
pf 0.14± 0.07 (0.64) 0.64± 0.08 (1.94) 1.43± 0.34 (2.31)
CRF mf 0.11± 0.10 (0.50) 0.20± 0.06 (0.77) 0.11± 0.07 (0.25)
pf 0.11± 0.10 (0.50) 0.28± 0.08 (0.85) 0.18± 0.18 (0.29)
4 RESULTS
Detailed descriptions of the individual multiple systems
formed in the simulations are given in Tables 2, 3 and 4.
In this section we analyse their statistical properties, and
compare them, firstly with one another, to explore the con-
sequences of the different prescriptions for radiative feed-
back (nrf, erf and crf), and secondly with observations.
In comparing with observations, we distinguish two popu-
lations. The population most relevant to the newly-formed
stars in our simulations are young embedded stars, but un-
fortunately the statistical data on this population is limited
to rather weak constraints on the multiplicity frequency,
the distribution of higher-order multiples, the distribution
of semi-major axes, and the distribution of mass ratios. We
therefore also look to the population of mature field stars,
which have almost certainly been ”processed” by impulsive
and secular interactions with other stars and residual gas
before arriving in the field. The advantage of this popula-
tion is that there exist more robust statistics for it. Fur-
thermore, we have some idea of the systematics of what
processing does to a population of multiple stars: specifi-
cally, (i) it does not change the distribution of masses sig-
nificantly; (ii) it increases the number of single stars, both
by unbinding wide systems, and through sling-shot ejections
from non-hierarchical multiples (e.g. Parker et al. 2009); (iii)
it tends to widen the distribution of semi-major axes (equiv-
alently, periods), in particular populating close orbits (e.g.
Bate, Bonnell & Bromm 2002); (iv) it may shift the distri-
bution of mass ratios towards high q (companions of compa-
rable mass) (e.g. Kaplan, Stamatellos & Whitworth 2012);
(v) it probably alters significantly the distribution of or-
bital eccentricities and the level of spin/orbit and spin/spin
alignment (e.g. Sterzik & Tokovinin 2002). We discuss each
of these effects in more detail in the separate sections below,
which deal with multiplicity frequency (§4.1); higher-order
multiple systems (§4.2); semi-major axes (§4.3); mass ratios
(§4.4); eccentricities (§4.5); spin/orbit and spin/spin align-
ments (§4.6).
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Figure 3. (a) Companion probability, cp, (b) companion fre-
quency, cf , and (c) mean system-order, O¯?, as a function of stellar
mass, M?. The solid red histograms give the results obtained with
NRF; the blue dashed histograms, ERF; and the dotted black his-
tograms, CRF. Error bars are Poisson counting uncertainties.
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Figure 4. The distribution of system orders for simulations with
(a) NRF, (b) ERF, and (c) CRF. The histograms show the num-
ber of systems of order O having primary mass greater than
0.1 M. The thin black lines are best fits to the histograms for
O≥2, using PO ∝H−O. Values of H are given in Table 6. Error
bars are Poisson counting uncertainties.
4.1 Multiplicities
4.1.1 Intercomparison of simulations invoking different
radiative-feedback prescriptions
Figs. 2a, b and c show the variation of – respectively – the
multiplicity frequency, mf , pairing factor, pf , and mean
system order, OSYS , with primary mass, M1 , for the sys-
tems formed in the simulations. For NRF and ERF, mf and
pf both increase sharply with increasing M1 , implying that
multiple systems are formed preferentially with at least one
massive component. In contrast, for CRF the increase is very
modest, implying no strong preference for a massive compo-
nent; however, this conclusion is moderated by the fact that
with CRF there is a smaller range of masses, and the num-
ber of multiple systems is lower so the statistics are poorer.
For all three radiative feedback prescriptions, OSYS increases
steadily with M1 , implying that higher-order multiples tend
to contain at least one relatively massive component.
Figs. 3a, b and c show, respectively, how the compan-
ion probability, cp, companion frequency, cf , and mean sys-
tem order, OSTAR , vary with stellar mass, M?, for the stars
formed in the simulations. For all three feedback prescrip-
tions, both cp and cf increase slowly with increasing mass,
and then fall off at the highest masses. This fall-off reflects
two factors. First, low-mass stars feature more strongly in
these statistics, because they count as being in a binary even
if they are only the secondary, as being in a triple even if
they are only the secondary or tertiary, and so on. Second,
the highest mass stars are usually ones that have formed
from slowly rotating cores; they have therefore consumed
most of the core mass and been attended by low-mass discs,
so the capacity for forming companions has been reduced.
4.1.2 Comparison of simulations with observation
Young embedded stars.
Observational estimates of multiplicity frequencies in young
embedded populations (e.g. Ratzka, Ko¨hler & Leinert
2005; Leinert et al. 1993; Kraus et al. 2011) are both
too sparse, and too compromised by selection effects, to
justify a detailed comparison with the simulation results.
However, these estimates do suggest that the multiplicity
frequencies of young embedded populations exceed those of
mature field populations by a factor between one and two.
This factor gives us a rough measure of the fraction of sys-
tems that has been disrupted by the time it reaches the field.
Mature field stars.
In Table 5 we compare the observed multiplicity frequencies
and pairing factors for field stars given by Ducheˆne & Kraus
(2013) in specific mass bins with their counterparts from the
simulations.
At low masses, 0.06 M <∼M1 <∼ 0.10 M , i.e. systems
with primaries that are brown dwarfs or very low-mass H-
burning stars, the multiplicity frequency from the simula-
tions with NRF is somewhat below that observed in the field,
but easily compatible within the uncertainties; the multiplic-
ity frequency from the simulations with ERF is further be-
low that observed in the field, but again still easily compati-
ble within the uncertainties. We conclude that the low-mass
multiplicity statistics observed in the field are reproduced
with both NRF and ERF, but there is little room for mf
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Figure 5. False-colour column-density images of the inner
1000 au of the core that forms a sextuplet system with ERF,
projected on the y = 0 plane, at (a) 0.05 Myr, (b) 0.10 Myr, (c)
0.15 Myr, and (d) 0.20 Myr. The letters B and Q label the binary
and quadruple components of the system. An animation of this
figure is given in the online material.
to be reduced further by processing; this would be accept-
able, if very low-mass binaries, being very close (see §4.3),
were not easily disrupted (Parker & Reggiani 2013). With
CRF no low-mass multiple systems are formed, but since
only seven systems (all singles) are formed in this mass-bin,
this result is formally compatible with what is observed in
the field; to make a sensible comment on forming low-mass
binaries with CRF, it seems that we would need to do many
more simulations, but the indications are that CRF is not
conducive to the formation of binaries.
At intermediate masses, 0.1 M <∼M1 <∼ 0.5 M , i.e. sys-
tems with mid to late M-dwarf primaries, the multiplicity
frequency from the simulations with NRF is 1.7 times that
observed in the field; with ERF, it is 1.4 times that observed
in the field; and with CRF, 0.77 times. The results obtained
with NRF and ERF are easily compatible with the expecta-
tion that processing reduces the multiplicity frequency by a
factor between one and two; the results obtained with CRF
are just compatible, if there is very little reduction due to
processing.
At high masses, 0.7 M <∼M1 <∼ 1.3 M , i.e. systems
with solar-type primaries, the multiplicity frequency from
the simulations with NRF is 1.4 times that observed in the
field; with ERF, it is 1.5 times that observed in the field;
and with CRF, 0.25 times. The results obtained with NRF
and ERF are again easily compatible with the expectation
that processing reduces the multiplicity frequency by a fac-
tor between one and two; those obtained with CRF are not,
and although they are compromised by poor statistics, the
clear inference from the simulations is that CRF inhibits the
formation of low-mass stars and binaries.
Figure 6. A montage of false-colour column-density images of
the sextuplet system that formed with ERF, projected on the
z=0 plane, at 0.20 Myr, showing the scales of the different orbits
involved, and how they fit together (see also Fig. 7).
Figure 7. A schematic showing the masses and orbital parame-
ters of the different components of the sextuple formed with ERF.
Each circle represents an orbit (thus five orbits for an hierarchical
sextuplet), and the circle contains the semi-major axis of the or-
bit, its eccentricity, and the masses of the two components. These
may themselves be subsystems; only if there is nothing to the
right of a circle are its components single stars (i.e. these circles
are the ones that correspond to inner orbits).
4.2 Hierarchical higher-order multiple systems
4.2.1 Intercomparison of simulations invoking different
radiative-feedback prescriptions
Fig. 4 shows the number of systems of different order, O,
produced by the simulations, viz.
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O = 1 2 3 4 5 6 (No.of
S B T Q Q′ S′ orbits)
NRF 235 30 12 12 1 2 (104)
ERF 146 31 7 7 2 1 (79)
CRF 70 6 3 2 0 0 (18)
Here, Q′ and S′ are the numbers of quintuples and sextuples,
and the final column (in brackets) gives the total number of
orbits, viz. B+2T+3Q+4Q′+5S′.
Also plotted on Fig. 4 is a geometric fit of the form
PO ∝ H−O, where O is the multiplicity order of a system
(O=1 for a single, O=2 for a binary, etc.), PO its relative
probability, H is the base of the distribution, and the fit is
made to all systems with O≥2. The lower H is, the higher
is the proportion of high-order multiple systems relative to
binaries. All three sets of simulations give H∼2 (see Table
6), which implies that the simulations deliver quite a high
proportion of high-order multiples. Specifically, ∼ 70% of
all stars with M? > 0.1 M are in multiple systems, and the
mean order of these multiple systems is ∼ 3, meaning that
roughly half are triples or higher-order systems.
4.2.2 Comparison of simulations with observation
Young embedded stars.
Observations of young embedded populations also reveal
many high-order multiples including sextuples (e.g. Kraus
et al. 2011), but the statistics are too poor to merit a
parametric fit.
Mature field stars.
Eggleton & Tokovinin (2008) find H ∼ 3.4 for Sun-like Main
Sequence stars in the field, and Ducheˆne & Kraus (2013) find
a similar value for M-dwarfs in the field. In other words, the
proportion of high-order multiples in the field seems to be
significantly lower than the proportion we obtain for the
much younger systems produced in our simulations. This
is consistent with the idea that (the often rather low-mass)
stars on wide orbits in high-order multiples are preferentially
ionised, either by internal relaxation, or by tidal interactions
with other stars and gas clouds.
To illustrate the processes by which high-order multi-
ples form in the simulations, we focus on the core that forms
a sextuplet system when evolved with ERF. Fig. 5 shows a
false-colour column-density image of the inner 1000 au of the
core at 0.05, 0.10, 0.15 and 0.20 Myr (the end of the simu-
lation). Fig. 6 zooms in on the final frame to dissect the
hierarchical nature of this system. Fig. 7 presents schemati-
cally the masses and orbital parameters of the different lev-
els of the system. This system spans a huge range of linear
scale, from the tightest inner orbit (a∼0.1 au) to the widest
outer orbit (a∼630 au). We note that the close pairing with
a ∼ 0.1 au actually forms at a separation of nearly 100 au,
and is then scattered into its final position; therefore its for-
mation is not an artefact of the creation of sink particles. A
seventh star is also formed, but it is ejected. The same core
evolved with NRF spawns a triple, a binary and a single (six
stars in total); when evolved with CRF this core just spawns
a binary.
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Figure 8. The distribution of orbital semimajor axes from the
simulations with (a) NRF, (b) ERF, and (c) CRF. The solid back
histograms show the distributions for all orbits; the dashed red
histograms, for inner orbits only; and the dotted blue histograms,
for outer orbits only. Error bars are derived from Poisson count-
ing uncertainties. The vertical dashed line marks the sink radius,
rSINK =0.2 au.
Table 6. Multiplicity statistics for the simulations with NRF,
ERF and CRF. The first block (rows 2 to 5) gives, for all or-
bits, the mean, µa, and standard deviation, σa, of log10 (a/au),
where a is the semi-major axis; the best-fitting exponent, γ, for
the distribution of mass ratios (pq ∝ qγ); and the best-fitting
base, H, for the distribution of multiplicity orders (PO ∝H−O).
The second block gives µa, σa and γ for inner orbits only. The
third block gives the same information for outer orbits only. The
fourth block give γ for orbits with semi-major axis less than or
greater than 5 au.
a≡ log
10
(a/au) NRF ERF CRF
All µa 0.8± 0.1 0.7± 0.1 1.1± 0.2
σa 1.0± 0.1 1.1± 0.1 0.8± 0.2
γ 0.6± 0.1 0.9± 0.2 1.3± 0.5
H 1.7+0.2−0.2 1.9+0.3−0.2 2.1+0.6−0.5
Inner µa 0.2± 0.1 0.2± 0.1 0.7± 0.2
σa 0.7± 0.1 0.8± 0.1 0.6± 0.2
γ 0.7± 0.2 1.0± 0.3 2.4± 0.9
Outer µa 1.9± 0.1 1.9± 0.2 2.0± 0.2
σa 0.9± 0.1 0.7± 0.2 0.5± 0.2
γ 0.4± 0.2 0.8± 0.2 0.6± 0.6
a<5 au γ 1.1± 0.3 1.0± 0.3 2.3± 1.1
a>5 au γ 0.3± 0.2 0.7± 0.3 1.2± 0.6
4.3 Semimajor axes
4.3.1 Intercomparison of simulations invoking different
radiative-feedback prescriptions
Fig. 8 shows the distributions of orbital semimajor axis, a,
from the simulations with (a) NRF, (b) ERF and (c) CRF;
also shown are the separate distributions for inner orbits
(orbits for which both components are stars) and outer or-
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Figure 9. Orbital semimajor axis, a, plotted against primary
mass, M1 , for simulations with (a) NRF, (b) ERF, and (c) CRF.
A red + represents an inner orbit. A green × represents an outer
orbit. In frame (b), the dashed line is an approximate power-
law fit to the variation of mean semi-major axis with primary
mass, as observed for Sun-like stars and M Dwarfs in the field:
a¯∼50 au (M1/M )1.1. The solid line is an approximate power-law
fit to the variation of mean semi-major axis with primary mass,
for primary masses M1>0.1 M , as seen in the simulations with
ERF: a¯∼41 au (M1/M )1.8.
bits (orbits for which at least one component is multiple,
and possibly both). The arithmetic means and standard de-
viations of log
10
(a/au) from these distributions are given
in Table 6. Modulo the fact that simulations with CRF
deliver many fewer multiple systems (and only one closer
than ∼ 1 au), the distributions of semi-major axis obtained
with different feedback prescriptions are broadly similar. In
particular, the semimajor axes delivered by the simulations
span four orders of magnitude, from 0.1 au to 103 au.
Fig. 9 shows the variation of orbital semi-major axis,
a, with primary mass, M1 , for primary masses in the range
∼ 0.03 M to ∼ 1 M , from the simulations with (a) NRF,
(b) ERF and (c) CRF. For all three sets of simulations, the
semimajor axis tends to increase with primary mass. For
example, the simulation results obtained with ERF can be
fit approximately with a¯∼ 41 au (M1/M)1.8 (i.e. the solid
line on Fig. 9b). However, there is a lot of scatter, the mass
range over which this relation holds is small (about one and a
half orders of magnitude), and part of the increase of a with
M1 may derive from the fact that, for the outer orbits of
hierarchical multiples, the ”primary mass” is actually the
sum of the masses of two or more stars.
Fig. 10 shows, for stars that end up in multiple systems,
the initial separations between the corresponding sink par-
ticles at their creation, s, against orbital semi-major axis
at the end of the simulation, a, for the simulations with
(a) NRF, (b) ERF and (c) CRF. The majority of pairings
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Figure 10. The separation between sink particles at their cre-
ation, s, plotted against orbital semimajor axis, a, at 0.2 Myr for
simulations with (a) NRF, (b) ERF, and (c) CRF. A red + rep-
resents an inner orbit. A green × represents an outer orbit. The
grey horizontal bar marks the range 70 au to 140 au, which is the
range of separations favoured by disc fragmentation (see Whit-
worth & Stamatellos 2006). The vertical dashed line marks the
sink radius, rSINK =0.2 au.
come into being at separations in, or close to, the range
70 au<∼ s<∼ 140 au. We note that this is the sweet spot for
disc fragmentation (Whitworth & Stamatellos 2006), where
the cooling time of a proto-fragment in a massive proto-
stellar disc is less than the dynamical timescale on which
it contracts; this means that such proto-fragments are un-
likely to undergo an adiabatic bounce and be sheared apart,
and therefore they are likely to condense out to form ad-
ditional stars. We are currently working on developing an
algorithm to determine what fraction of stars are actually
created by disc fragmentation in the simulations. We note
that, with one exception, all pairs are created at separations
exceeding ∼ 10 au (i.e. ∼ 50 rSINK) so the dynamics of sink
formation should be well resolved; close orbits are populated
subsequently by scattering and orbital decay.
4.3.2 Comparison of simulations with observation
Young embedded stars
The range of orbital semi-major axes generated by the sim-
ulations (Fig. 8) can be compared with observation. The
upper limit (∼ 103 au) is in good agreement with observa-
tions of young protostellar binaries in Ophiuchus (Ratzka,
Ko¨hler & Leinert 2005). The lower limit (∼ 0.1 au≡20R)
is set by the resolution of the simulations. Since sink par-
ticles have radii rSINK ∼ 0.2 au, and their gravitational field
is softened on the same scale, the formation of very close
orbits is inhibited.
In the NRF and ERF simulations, the distributions
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Figure 11. The solid back histograms shows the distribution
of mass ratios, q, for all multiple systems in simulations with (a)
NRF, (b) ERF, and (c) CRF. The dashed red histograms show the
q-distributions for inner orbits only. The dotted blue histograms
show the q-distributions for outer orbits only. The over-plotted
thin lines are power-law fits of the form pq∝qγ ; the corresponding
values of γ are given in Table 6.
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Figure 12. Mass ratios plotted against primary mass, for simula-
tions with (a) NRF, (b) ERF, and (c) CRF. A red + represents an
inner orbit. A green × represents an outer orbit. Orbits beneath
the dashed black line have brown-dwarf secondaries.
of inner semi-major axis peak at ∼ 1.6 au, whereas the
distributions of outer semi-major axis peak at ∼ 80 au.
Astrometric observations of pre-Main Sequence stars can
usually only resolve separations a & 20 au (see King et al.
2012b,a, and references therein), and from Fig. 8 nearly all
orbits in this range from the simulations are outer orbits
of hierarchical systems. In other words, few of the inner
orbits of hierarchical systems produced in the simulations
would be observationally resolvable. This suggests that
many observed “binaries” in embedded populations might
actually be partially resolved higher-order systems. The
CRF simulations show a similar trend, except that the
distribution of inner semimajor axes peaks at ∼ 5 au.
Mature field stars
The increase in the mean orbital semi-major axis with in-
creasing primary mass that is seen in the simulation re-
sults with ERF (Fig. 9b; a¯∼41 au (M1/M)1.8
)
is echoed
in observations of field stars (Ducheˆne & Kraus 2013).
However, in field stars the slope is significantly shallower,
a¯ ∼ 50 au (M1/M)1.1 (i.e. from a¯ ∼ 50 au at M1 ∼M to
a¯∼4 au at M1∼0.1 M). The principal reason for the differ-
ence is that observed very low-mass binaries typically have
separations of order 4 au, whereas the very-low mass bina-
ries formed in the simulations are much closer. This could be
because the gas dynamics is too dissipative, and therefore
close binaries are hardened too effectively.
4.4 Mass ratios
4.4.1 Intercomparison of simulations invoking different
radiative-feedback prescriptions
Fig. 11 shows the distribution of mass ratios, q = M2/M1
(where M1 and M2 are the masses of, respectively, the pri-
mary and the secondary), from the simulations with NRF,
ERF and CRF. Also shown are the separate distributions
for inner and outer orbits, and power-law fits of the form
pq ∝ qγ . If γ = 0, all mass ratios are equally probable; in-
creasing values of γ indicate an increasing bias towards sys-
tems in which the secondary has comparable mass to the
primary. Values of γ are given in Table 6. In all cases γ > 0,
so there is some preference for a companion of comparable
mass, irrespective of the treatment of radiative feedback.
The trend is somewhat stronger for inner orbits than outer
orbits; i.e. the components of true binary systems and the
inner pairings of hierarchical multiples are more likely to be
of comparable mass than the components of intermediate
and outer pairings in hierarchical multiples.
Fig. 12 shows the mass ratio, q, plotted against pri-
mary mass, M1 , for the simulations with NRF, ERF and
CRF. This shows that, in the simulations, low mass ra-
tios are more common in systems with high-mass primaries.
Notwithstanding this trend, in all the simulations, very low-
mass stars (VLMSs) and brown dwarfs (BDs) are more com-
monly found orbiting M-dwarf primaries, and other VLMSs
and BDs, than solar-type primaries.
4.4.2 Comparison of simulations with observation
Young embedded stars
The values of γ obtained for simulations with NRF
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Figure 13. Eccentricities plotted against primary mass, for sim-
ulations with (a) NRF, (b) ERF, and (c) CRF. A red + represents
an inner orbit. A green × represents an outer orbit.
(γ=0.6± 0.1), ERF (γ=0.9± 0.2) and CRF (γ=1.3± 0.5)
are all consistent with observational estimates of 0.2.γ.1
for class II and class III protostars (Kraus et al. 2011;
Kraus & Hillenbrand 2012).
Mature field stars
Ducheˆne & Kraus (2013) report that observational estimates
of γ for systems in the field with a< 5 au (> 5 au) are sys-
tematically greater (less) than for the overall population;
likwise, observational estimates of γ for inner (outer) or-
bits in higher-order multiple systems in the field are system-
atically greater (less) than for the overall population. This
means that, in the field, stars in close orbits tend to have
comparable masses, whereas stars or systems in wider orbits
tend to have a broader range of mass ratios. This trend is
the same as is seen in the simulations (see Fig. 11).
The trend found in the simulations, particularly those
invoking ERF, that VLMSs and BDs are more commonly
found orbiting M-dwarf primaries, and other VLMSs and
BDs, than solar-type primaries, is also in agreement with
field observations (e.g. Henry et al. 2006; Ducheˆne & Kraus
2013), which find that there is (i) a tendency for binary
systems with VLMS and BD primaries to have high mass
ratios (q>∼0.5), and (ii) a lack of BDs orbiting Sun-like stars
(the Brown Dwarf Desert).
We note that the mass ratio of a multiple system may
be the one property that changes little due to processing be-
tween young embedded populations and mature field popu-
lations. This is because the processes dominating the disrup-
tion of multiple systems are likely to be so impulsive that
they are almost as disruptive to systems with high bind-
ing energy as systems with low binding energy (Parker &
Reggiani 2013).
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Figure 14. The cummulative distribution of eccentricities, for
simulations with (a) NRF, full red line; (b) ERF, dashed blue
line; and (c) CRF, dashed green line. The black dotted and dot-
dash lines show the cummulative distributions of eccentricity for,
respectively, the uniform case (i.e. pe = 1, hence
∫
pede= e) and
the thermal case (i.e. pe=2e, hence
∫
pede=e2).
4.5 Eccentricities
4.5.1 Intercomparison of simulations invoking different
radiative-feedback prescriptions
Fig. 13 shows orbital eccentricities plotted against primary
mass, for the systems formed in the simulations. For the
simulations with NRF and ERF, there is a broad range of
eccentricites, but a preference for low eccentricities, and no
significant correlation with primary mass; with CRF, only
eccentricities e.0.5 are obtained.
Fig. 14 shows the cummulative distribution of eccentric-
ities, for the systems formed in the simulations, irrespective
of mass. The distributions obtained with NRF and ERF are
very similar to one another, and show a significant preference
for low eccentricities; these distributions are very different
from either a flat distribution (i.e. no preferred eccentricity,
pe=1, therefore
∫
pede=e) or a thermal distribution (which
favours high eccentricities, pe=2e, therefore
∫
pede=e
2).
4.5.2 Comparison of simulations with observation
Mature field stars
The observed distribution of eccentricities reported by
Ducheˆne & Kraus (2013, their Fig.3) for M dwarfs is very
similar to that obtained in the simulations with NRF and
ERF (see Fig. 14a,b), albeit with a somewhat weaker pref-
erence for low eccentricities than in the simulations. This
might indicate that the gas dynamics in the simulations is
too dissipative and therefore tidal circularisation is too ef-
fective.
The distribution that Ducheˆne & Kraus (2013) present
for G dwarfs (Sun-like stars) is close to being flat, apart
from a lack of low- and high-eccentricity systems (i.e.
0.1<∼ e<∼ 0.9). The simulations produce too few G dwarfs
to check whether the observed distribution of eccentricities
is reproduced in the simulations.
4.6 Spin-orbit alignment
4.6.1 Intercomparison of simulations invoking different
radiative-feedback prescriptions
Fig. 15 shows, for the simulations with (a) NRF, (b) ERF
and (c) CRF, and for each orbit, the two angles between the
orbital angular momentum and the spin angular momenta
c© 2013 RAS, MNRAS 000, 1–16
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Figure 15. This plot shows, for each orbit, the angles between
the orbital angular momentum and the two spin angular mo-
menta of its components, plotted against the initial separation,
s, for systems and subsystems formed in the simulations with (a)
NRF, (b) ERF, and (c) CRF. The two angles of a single orbit are
connected by a vertical line; if this line is short (long), the spins
are well (poorly) aligned one with another. A red line is used for
inner orbits, and a green line for outer orbits. The horizontal
dashed lines indicate angles of 45o and 90o. The vertical dashed
line is at the radius of a sink particle, rSINK ∼ 0.2 au.
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Figure 16. As Fig. 15, but the abscissa is now the semi-major
axis, a at the end of the simulation, 0.2 Myr.
of the two components, plotted against initial separation
and connected by a thin vertical line. We distinguish inner
orbits (red) from outer orbits (green); for the latter, the
spin of a component that is a sub-system is its total angular
momentum and its initial position is the centre of mass of
the constituent sink particles. In most cases these angles are
less than 45o, especially for the outer orbits, but there are a
few systems in which the spins are tilted by more than 90o,
relative to the orbit. In most cases the two spins associated
with a given orbit are within ∼ 10o of each other (i.e. the
thin vertical connecting lines are short.
Fig. 16 shows the same angles, but now plotted against
the semi-major axis, a, at the end of the simulation
(0.2 Myr). In the simulations, once a star has formed, its
spin angular momentum can only be changed by accretion;
in contrast, the orbital angular momenta – and hence also
the notional spins – of sub-systems can also be changed by
tidal forces. Figs. 15 and 16 are therefore compatible with
the hypotheses that (a) many of these systems have formed
by disc fragmentation, and therefore have their spins ap-
proximately aligned with their orbits (to within ∼ 20o; cf.
Stamatellos & Whitworth 2009), and (b) most of the inner
orbits have been populated by scattering and/or accretion
of low angular momentum material, and therefore they have
had their orbits and spins significantly modified.
The mean angles between orbit and spin (SO), and spin
and spin (SS), for the different types of orbit (inner and
outer) and the different treatments of radiative feedback
(NRF, ERF and CRF) can be summarised as follows.
inner outer
∆θSO ∆θSS ∆θSO ∆θSS
NRF 42o 19o 23o 20o
ERF 41o 14o 17o 19o
CRF 30o 4o 5o 9o
4.6.2 Comparison of simulations with observation
Mature field stars
In comparing these results with observation, we should con-
sider the inner and outer orbits separately, and be mindful
of two considerations. (i) The spin of a sink particle cannot
always be interpreted as the spin of the star it represents,
since much of the angular momentum in the sink may be
attributable to the unresolved part of an attendant accre-
tion disc within the sink radius (here rSINK = 0.2 au), rather
than the star itself (r <∼ 0.02 au). (ii) For outer orbits, at
least one component (and possibly both) is not a simple
star but a subsystem in an high-order multiple.
Inner orbits. Hale (1994) finds that close binaries in
the field tend to have the intrinsic spins of their component
stars approximately aligned with the orbit, but tight subsys-
tems in higher-order multiples can be very poorly aligned.
This is approximately consistent with the simulations per-
formed with NRF and ERF (red lines on Fig. 16), but not
with CRF.
Outer orbits. The observational data of Sterzik &
Tokovinin (2002) indicate that the orbits in visual hier-
archical triples in the field are only weakly aligned, i.e.
∆θSO ∼ 67o ± 9o, with some actually involving counter-
rotation (∆θSO>90
o). Similarly, Hale (1994) finds that the
intrinsic spins of stars on outer orbits in higher-order mul-
c© 2013 RAS, MNRAS 000, 1–16
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tiples can be very poorly aligned with the orbit. This is at
variance with the values of ∆θSO for outer orbits in the
simulations, which indicate a much stronger degree of align-
ment. One possible explanation for this is that subsequent
processing knocks the wider orbits around, as simulated by
Sterzik & Tokovinin (2002).
5 DISCUSSION AND CONCLUSIONS
We have analysed the statistical properties of the multiple
systems formed in the simulations of Ophiuchus-like cores
reported in LWH14. Cores have been created with a distri-
bution of mass, size, projected shape, temperature and ra-
dial velocity dispersion that matches the distributions and
correlations seen in Ophiuchus. Each core has been evolved
for 0.2 Myr (about five freefall times), three times, once as-
suming no radiative feedback from the stars that form, once
regulating accretion onto stars so that it is episodic and tak-
ing account of the resulting episodic radiative feedback, and
once allowing continuous accretion onto stars and hence con-
tinuous radiative feedback. The statistical properties of the
resulting stars, in particular those relating to multiplicity,
have then been analysed to determine the statistical dif-
ferences that derive from the different treatments of radia-
tive feedback. The results have also been compared with the
available observations, with a view to determining which
type of radiative feedback fits the observations best.
5.1 Limitations
All of our conclusions require that the initial conditions actu-
ally are realistic representations of conditions in Ophiuchus,
that all the important deterministic physics has been in-
cluded in the simulations and that the numerical code faith-
fully captures that physics. For example, it remains to be
demonstrated that the prescription we have used for episodic
feedback, and in particular the duty cycle that it delivers,
are realistic. These are serious caveats, and should be born
in mind.
In addition, the simulations lack any treatment of mag-
netic fields or mechanical feedback. It is not a priori clear
what effect the inclusion of magnetic fields might have. If it
had a significant effect, the likelihood is that it would make
the gas dynamics more dissipative and reduce the amount
of fragmentation, which would probably worsen the agree-
ment with observation. The omission of mechanical feedback
means that most of the core material should accrete onto
the stars, unless the initial velocity field is very divergent.
Matzner & McKee (2000) estimate the effect of mechanical
feedback in an isolated core, and conclude that the efficiency
of star formation, η, should satisfy 0.25<∼ η <∼ 0.70. At the
end of the simulations (0.2 Myr), the mean efficiency (i.e.
the fraction of the initial core mass that has gone into form-
ing stars) is η∼0.7, which is just compatible with Matzner &
McKee (2000). η is poorly constrained by observation, since,
between the time when the mass of a core is measured and
the time when the core has finished forming stars, it is likely
to accrete from its surroundings (e.g. along the filament in
which it is embedded), and so the efficiency could notion-
ally exceed unity; for example, Holman et al. (2013) have
presented statistical arguments that favour 0.70<∼ η <∼ 1.3,
when ongoing accretion is allowed, so the simulations are
also compatible with this estimate.
With these caveats, we conclude that episodic radia-
tive feedback delivers stars whose statistical properties agree
best with the observations of young embedded stellar pop-
ulations and mature field-star populations. We conclude by
summarising these properties, and indentifying those that
are not reproduced.
5.2 Episodic radiative feedback
Simulations of the fragmentation of Ophiuchus-like prestel-
lar cores, moderated by episodic accretion and radiative
feedback, appear to reproduce quite well both the – albeit
as yet poorly constrained and rather limited – multiplicity
statistics observed for young embedded populations in star
formation regions, and most of the the more robust statistics
and relative trends seen in mature field-star populations.
Specifically, these simulations deliver an IMF, multi-
plicity frequencies, and distributions of (i) system order, (ii)
semi-major axis and (iii) mass-ratio, which are compatible
with what is observed in Ophiuchus and other young embed-
ded stellar populations.
They also deliver an IMF, a ratio of low-mass stars to
brown dwarfs, a distribution of semi-major axes, a distribu-
tion of mass ratios — including (a) the systematic variations
between inner orbits (which prefer components of compara-
ble mass) and outer orbits (which do not), (b) the Brown
Dwarf Desert, and (c) the preference for companions of com-
parable mass in very low-mass systems — plus a distribution
of spin/orbit alignment for inner orbits, all of which agree
with observations of mature field-star populations.
The distributions of multiplicity frequency, higher-order
systems, and spin/orbit alignment for outer orbits, are only
compatible with observations of mature field-star popula-
tions if – as might be expected (e.g. Marks & Kroupa 2011) –
dynamical processing during their dispersal into the field de-
stroys some multiple systems, in particular the outer orbits
of high-order multiples, and perturbs the surviving orbits.
However, there are two specific concerns with the simu-
lations. First, they produce low-mass binaries whose orbits
are too small. Second, although the overall distribution of
eccentricities mimics quite well that seen in field M Dwarfs,
there is a somewhat larger excess of low eccentricities in the
simulations. Both of these concerns suggest that the gas dy-
namics in the simulations is too dissipative, particularly on
small scales. A similar concern has been reported by other
workers in this field (e.g. Bate 2014).
We also note the following. (i) The simulations sug-
gest that in some observed wide binary systems the pri-
mary may be an unresolved close binary. (ii) Many of the
stars appear to be formed by disc fragmentation at radii
70 au<∼R<∼ 140 au, i.e. the sweet spot for disc fragmenta-
tion identified by Whitworth & Stamatellos (2006).
5.3 No radiative feedback
Simulations of the same cores, but with no radiative feed-
back, produce rather similar statistics to those with episodic
radiative feedback, except that the simulations produce too
many brown dwarfs, so the IMF is skewed to low masses and
c© 2013 RAS, MNRAS 000, 1–16
Simulations of star formation in Ophiuchus, II 15
the ratio of low-mass stars to brown dwarfs is consequently
too low. We are not suggesting that there might actually be
no radiative feedback; these simulations are simply included
as a point of reference.
5.4 Continuous radiative feedback
Simulations with continuous accretion and radiative feed-
back appear not to work. There are far too few brown dwarfs,
so the IMF is skewed to high masses, and the ratio of low-
mass stars to brown dwarfs is too large. The multiplicity fre-
quency is too low, there are too few close orbits, and there is
no tendency for the semi-major axis to increase with primary
mass. The distribution of orbital eccentricities is wrong (all
e<∼ 0.5), and the spins and orbits are too well aligned.
5.5 Summary
Modulo the limitations discussed in §5.1, our simulations
suggest that the star formation observed in Ophiuchus can
only be representative of global star formation if accretion
onto – and hence radiative feedback from – young stars is
episodic.
ACKNOWLEDGEMENTS
OL and APW gratefully acknowledge the support of a con-
solidated grant (ST/K00926/1) from the UK STFC. SW
acknowledges support from the DFG priority programme
1573, ”Physics of the ISM”, and the Bonn-Cologne Gradu-
ate School of Physics & Astronomy.
REFERENCES
Alves J. F., Lada C. J., Lada E. A., 2001, Nature, 409, 159
Andersen M., Meyer M. R., Greissl J., Aversa A., 2008,
ApJ, 683, L183
Andre´ P., Belloche A., Motte F., Peretto N., 2007, A&A,
472, 519
Bate M. R., 2009a, MNRAS, 392, 590
Bate M. R., 2009b, MNRAS, 397, 232
Bate M. R., 2009c, MNRAS, 392, 1363
Bate M. R., 2012, MNRAS, 419, 3115
Bate M. R., 2014, MNRAS, 442, 285
Bate M. R., Bonnell I. A., 2005, MNRAS, 356, 1201
Bate M. R., Bonnell I. A., Bromm V., 2002, MNRAS, 336,
705
Bonnell I. A., Vine S. G., Bate M. R., 2004, MNRAS, 349,
735
Bonnor W. B., 1956, MNRAS, 116, 351
Chabrier G., 2003, ApJ, 586, L133
Chabrier G., 2005, in Astrophysics and Space Science Li-
brary, Vol. 327, The Initial Mass Function 50 Years Later,
Corbelli E., Palla F., Zinnecker H., eds., p. 41
Chandrasekhar S., Wares G. W., 1949, ApJ, 109, 551
Delgado-Donate E. J., Clarke C. J., Bate M. R., Hodgkin
S. T., 2004, MNRAS, 351, 617
Ducheˆne G., Kraus A., 2013, ARAA, 51, 269
Ebert R., 1955, ZAp, 37, 217
Eggleton P. P., Tokovinin A. A., 2008, MNRAS, 389, 869
Girichidis P., Federrath C., Allison R., Banerjee R., Klessen
R. S., 2012a, MNRAS, 420, 3264
Girichidis P., Federrath C., Banerjee R., Klessen R. S.,
2012b, MNRAS, 420, 613
Goodwin S. P., 2013, MNRAS, 430, L6
Goodwin S. P., Whitworth A. P., 2004, A&A, 413, 929
Goodwin S. P., Whitworth A. P., Ward-Thompson D.,
2004, A&A, 423, 169
Goodwin S. P., Whitworth A. P., Ward-Thompson D.,
2006, A&A, 452, 487
Hale A., 1994, AJ, 107, 306
Harvey D. W. A., Wilner D. J., Lada C. J., Myers P. C.,
Alves J. F., Chen H., 2001, ApJ, 563, 903
Henry T. J., Jao W.-C., Subasavage J. P., Beaulieu T. D.,
Ianna P. A., Costa E., Me´ndez R. A., 2006, ApJ, 132, 2360
Holman K., Walch S. K., Goodwin S. P., Whitworth A. P.,
2013, MNRAS, 432, 3534
Hubber D. A., Batty C. P., McLeod A., Whitworth A. P.,
2011, A&A, 529, A27
Hubber D. A., Walch S., Whitworth A. P., 2013, MNRAS,
430, 3261
Janson M. et al., 2012, ApJ, 754, 44
Kaplan M., Stamatellos D., Whitworth A. P., 2012, ApSS,
341, 395
Kenyon S. J., Hartmann L. W., Strom K. M., Strom S. E.,
1990, AJ, 99, 869
King R. R., Goodwin S. P., Parker R. J., Patience J., 2012a,
MNRAS, 427, 2636
King R. R., Parker R. J., Patience J., Goodwin S. P., 2012b,
MNRAS, 421, 2025
Kirk J. M., Ward-Thompson D., Andre´ P., 2005, MNRAS,
360, 1506
Kraus A. L., Hillenbrand L. A., 2012, ApJ, 757, 141
Kraus A. L., Ireland M. J., Martinache F., Hillenbrand
L. A., 2011, ApJ, 731, 8
Kroupa P., 2001, MNRAS, 322, 231
Krumholz M. R., 2006, ApJ, 641, L45
Krumholz M. R., Cunningham A. J., Klein R. I., McKee
C. F., 2010, ApJ, 713, 1120
Lada C. J., Muench A. A., Rathborne J., Alves J. F., Lom-
bardi M., 2008, ApJ, 672, 410
Leinert C., Zinnecker H., Weitzel N., Christou J., Ridgway
S. T., Jameson R., Haas M., Lenzen R., 1993, A&A, 278,
129
Lomax O., Whitworth A. P., Cartwright A., 2013, MNRAS
Lomax O., Whitworth A. P., Hubber D. A., Stamatellos
D., Walch S., 2014, MNRAS, 439, 3039
Marks M., Kroupa P., 2011, MNRAS, 417, 1702
Matzner C. D., McKee C. F., 2000, ApJ, 545, 364
Morris J. P., Monaghan J. J., 1997, Journal of Computa-
tional Physics, 136, 41
Motte F., Andre P., Neri R., 1998, A&A, 336, 150
Myers A. T., Klein R. I., Krumholz M. R., McKee C. F.,
2014, MNRAS, 439, 3420
Offner S. S. R., Klein R. I., McKee C. F., Krumholz M. R.,
2009, ApJ, 703, 131
Offner S. S. R., Kratter K. M., Matzner C. D., Krumholz
M. R., Klein R. I., 2010, ApJ, 725, 1485
Palla F., Stahler S. W., 1993, ApJ, 418, 414
Parker R. J., Goodwin S. P., Kroupa P., Kouwenhoven
M. B. N., 2009, MNRAS, 397, 1577
Parker R. J., Reggiani M. M., 2013, MNRAS, 432, 2378
c© 2013 RAS, MNRAS 000, 1–16
16 O. Lomax, A. P. Whitworth, D. A. Hubber, D. Stamatellos and S. Walch
Raghavan D. et al., 2010, ApJ, 190, 1
Ratzka T., Ko¨hler R., Leinert C., 2005, A&A, 437, 611
Reipurth B., Zinnecker H., 1993, A&A, 278, 81
Roy A. et al., 2014, A&A, 562, A138
Scholz A., Froebrich D., Wood K., 2013, MNRAS, 430, 2910
Stamatellos D., Whitworth A. P., 2009, MNRAS, 392, 413
Stamatellos D., Whitworth A. P., Bisbas T., Goodwin S.,
2007, A&A, 475, 37
Stamatellos D., Whitworth A. P., Hubber D. A., 2011, ApJ,
730, 32
Stamatellos D., Whitworth A. P., Hubber D. A., 2012, MN-
RAS, 427, 1182
Sterzik M. F., Tokovinin A. A., 2002, A&A, 384, 1030
Tokovinin A., 2008, MNRAS, 389, 925
Urban A., Martel H., Evans, II N. J., 2010, ApJ, 710, 1343
Walch S., Burkert A., Whitworth A., Naab T.,
Gritschneder M., 2009, MNRAS, 400, 13
Walch S., Naab T., Whitworth A., Burkert A.,
Gritschneder M., 2010, MNRAS, 402, 2253
Walch S., Whitworth A. P., Bisbas T. G., Wu¨nsch R., Hub-
ber D. A., 2013, MNRAS, 435, 917
Whitworth A. P., Stamatellos D., 2006, A&A, 458, 817
Zhu Z., Hartmann L., Gammie C., 2009, ApJ, 694, 1045
Zhu Z., Hartmann L., Gammie C., 2010, ApJ, 713, 1143
Zhu Z., Hartmann L., Gammie C. F., Book L. G., Simon
J. B., Engelhard E., 2010, ApJ, 713, 1134
APPENDIX A: ESTIMATING THE
POPULATION MULTIPLICITY FREQUENCY
The population multiplicity frequency mf can be estimated
for a sample of steller systems with S singles and M multi-
ples by invoking Bayes’ theorem:
P (mf |S,M) = P (S,M |mf)P (mf)
P (S,M)
. (A1)
Here, P (mf |S,M) is the posterior probability of mf given S
and M . P (S,M |mf) is the likelihood of sampling S singles
and M multiples given mf , i.e. the binomial distribution,
P (S,M |mf) = (S +M)!
S!M !
mfM (1−mf)S . (A2)
P (mf) is the prior probability of mf . As we have no a pri-
ori evidence, we give all values of mf equal probability, i.e.
P (mf)=1 . The denominator of Eqn. (A1) is the integral of
the numerator over all vaules of mf , i.e.,
P (S,M) =
1∫
0
P (S,M |mf)P (mf) dmf . (A3)
The posterior distribution of mf is therefore
P (mf |S,M) = mf
M (1−mf)S∫ 1
0
mfM (1−mf)S dmf , (A4)
which is the beta distribution.
An estimate of mf can be obtained by calculating the
mean µmf and standard deviation σmf of P (mf |S,M):
µmf =
1∫
0
mf P (mf |S,M) dmf ,
σ2mf =
1∫
0
(mf − µmf )2 P (mf |S,M) dmf .
(A5)
Note that as µmf is the mean of a probability density func-
tion, it will always be greater than zero (less than one) even
if the entire sample is single (multiple).
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